Based on one-month long MMT time-series observations of the open cluster M37, we monitored light variations of nearly 2500 red dwarfs and successfully identified 420 flare events from 312 cluster M dwarf stars. For each flare light curve, we derived observational and physical parameters, such as flare shape, peak amplitude, duration, energy, and peak luminosity. We show that cool stars produce serendipitous flares energetic enough to be observed in the r-band, and their temporal and peak characteristics are almost the same as those in traditional U -band observations. We also found many large-amplitude flares with inferred ∆u > 6 mag in the cluster sample which had been rarely reported in previous ground-based observations. Following the ergodic hypothesis, we investigate in detail statistical properties of flare parameters over a range of energy (E r ≃ 10 31 -10 34 erg). As expected, there are no statistical differences in the distributions of flare timescales, energies, and frequencies among stars of the same age and mass group. We note that our sample tend to have longer rise and decay timescales compared to those seen in field flare stars of the same spectral type and be more energetic. Flare frequency distributions follow power-law distributions with slopes β ∼ 0.62-1.21 for all flare stars and β ∼ 0.52-0.97 for stars with membership information (P mem ≥ 0.2). These are in general agreement with previous works on flare statistics of young open clusters and nearby field stars. Our results give further support to the classical age-activity relations.
Introduction
Stellar flares are good observational tracers of magnetic activity in low-mass stars (especially M dwarfs), since the intense release of flare energy is necessarily related to magnetic fields that are generated by dynamo process as on the Sun. Stellar flares are often thought of as being in some way analogous to solar flares because they follow the same universal correlations over many orders of magnitude in energy, peak luminosity, ing that less energetic flares tend to occur more frequently. The power-law distribution indicates that the flare process exhibits self-similar, scaleinvariant statistics within the observed energy range (Benz & Güdel 2010) . This is not a special property limited to the flare stars having an exceptionally high flaring rate. Kowalski et al. (2009) quantified the flaring properties of ∼50,000 M dwarfs using the lowcadence photometric light curves in SDSS Stripe 82. Based on these much larger and less biased sample, they confirmed that the amplitude, luminosity, and flaring rate of the SDSS flares are consistent with those found from dedicated photometric monitoring campaigns. Another new result is that even inactive stars (no Hα emission in the quiescent spectrum) can exhibit flare variability, as well as active ones. A more extensive analysis of magnetically inactive stars is given in Hilton (2011) for the first time, according to which inactive stars flare less frequently than the active stars as expected.
This kind of statistical study is extended to M dwarf flares in both the red-optical and nearinfrared (NIR) regimes. Using the combination of 2MASS and SDSS multi-epoch database, Davenport et al. (2012) showed that the signatures of flares are detectable even in the NIR passbands. They found that the frequency of NIR flare detection is about two orders of magnitude lower than those detected in optical bands.
Kepler data provides a new opportunity to measure the properties of white-light flares on solarand late-type stars (Walkowicz et al. 2011; Balona 2012; Maehara et al. 2012; Shibayama et al. 2013) . Among these studies, Walkowicz et al. (2011) focused on ∼23,000 cool dwarfs with K-M spectral types and showed that flare stars closer to the Galactic plane are statistically younger and more likely to be magnetically active. This age-activity relation is in good agreement with spectroscopic studies of M dwarfs in SDSS (e.g., West et al. 2008 West et al. , 2011 .
Star clusters offer excellent opportunities to examine how stellar magnetic activity depends on age and rotation rate. However, such studies are rare due to the large amount of telescope time required to properly sample stochastic flare events. Table 1 summarizes the previous optical, UV, radio, and X-ray observations of flares in the region of young-and old-aged open clusters (30 Myr∼4 Gyr). Most of flare samples are too small to obtain reliable statistics, except for the long-term optical monitoring data. Moreover, only a few attempts were made to examine how many flare stars still exist in open clusters and how their flare properties change over the duration of the observations (Ambartsumyan et al. 1970 (Ambartsumyan et al. , 1971 (Ambartsumyan et al. , 1972 (Ambartsumyan et al. , 1973 Gershberg & Shakhovskaia 1983) .
We hereby investigate the statistical properties of flare and starspot-induced variabilities simultaneously; and seek to understand the relation between age, activity, and rotation in open cluster stars. In this first paper, we present the flare properties and statistics for groups of stars with the same age and mass range in the open cluster M37. Our second paper will deal with rotational properties of the same cluster stars. This intermediateage (550 Myr) cluster is well-suited target for detection of stellar flares, since a significant fraction of low-mass members are still magnetically active.
In Section 2, we briefly describe archival imaging data of the M37 taken by MMT 6.5m telescope and sample selection for flare searches. We present the details of flare detection procedure in Section 3. In Section 4, we derive the observational and physical parameters of individual flares. Section 5 discuss the statistical properties of flare timescales, energies, and frequencies. Our conclusions follow in the last section.
Data description
We used the archival imaging data of the M37 taken by MMT 6.5m telescope (see Hartman et al. 2008 for details) . This is from the survey designed to monitor the M37 field ( ≃ 24 ′ × 24 ′ ) for detection of possible exo-planets. The archive contains almost 5000 images obtained in r ′ -band over one-month period. We refer the reader to Chang et al. (2015a) for a detailed description of our new photometric reduction and light curve production. New light curves allow the analysis of brief transients such as flares. The cadence of observations is between ∼80 to ∼150 seconds for over 90% of the data.
Sample selection
We select the cluster M dwarf candidates by their photometric color and location on the color- Note.-We compiled a sample of flare stars in stellar clusters serendipitously detected at different wavelengths (optical, UV, radio, and X-rays between 1980 and 2013. Not all flare stars are confirmed as cluster members. The age and distance of each cluster were taken from the latest version of open cluster catalogs (Dias et al. 2002; Mermilliod 2000) . References are as follows: (a) Tsvetkova (2012) ; (b) Semkov et al. (2000) ; (c) Haro et al. (1982) ; (d) Moualla et al. (2011) ; (e) Jones & Page (1991) ; (f) Pettersen (1989) ; (g) Browne et al. (2009) ; (h) Bastian et al. (1988) ; (i) Lim & White (1995) ; (j) Caillault (1989) ; (k) White et al. (1993) ; (l) Jeffries et al. (2006) ; (m) Pillitteri et al. (2005) ; (n) Prosser et al. (1996) ; (o) Ramsay et al. (2003) ; (p) Wolk et al. (2004) ; (q) Schmitt et al. (1993) ; (r) Stauffer et al. (1994) ; (s) Gagné et al. (1995) ; (t) Daniel et al. (2003) ; (u) Stern et al. (1995); Giardino et al. (2008) ; (w) Gondoin (2005) . (Kowalski et al. 2009 ). Right panel : the CMD positions of stars with cluster membership probabilities P mem are indicated by different colors, black for P mem ≥ 0.0, blue for P mem ≥ 0.2 and orage for P mem ≥ 0.5.
magnitude diagram (CMD) of the M37 field. It is known that the color range of r − i > 0.53 and i−z > 0.3 is occupied by the M and L dwarf classes (West et al. 2005) . Since these two colors are sensitive to changes in temperature for cool stars, it allows for proper separation of the stellar locus as a function of spectral type. Kowalski et al. (2009) noted that the limiting r − i color is reduced to 0.43 and the i − z color to 0.23, after correcting for the Galactic reddening. For cluster members, we correct the MMT gri magnitudes for extinction by using the conversion relations in Stoughton et al. (2002) : A g /E(B − V ) = 3.793, A r /E(B − V ) = 2.751, and A i /E(B − V ) = 2.086, respectively. We adopted the cluster parameters from Hartman et al. (2008) : E(B −V ) = 0.227 ± 0.038, (m − M ) V = 11.572 ± 0.13 for this procedure.
Using above relations, a total of 15,873 sources were initially selected by the de-reddened color of (r − i) 0 > 0.43 (the outer dashed rectangular box in the left panel of Figure 1 ). We did not restrict the i − z color because the z-band photometry of this subsample is often unreliable for faint sources. In order to reduce cluster membership ambiguities, we divide the sample into the two groups: cluster stars and field stars according to their CMD locations. We use the terms "cluster sample" and "field sample" while noting that the cluster sample is contaminated by field stars. Hartman et al. (2009) statistically evaluated the contamination of photometrically selected cluster sample to be about 25-50% as a function of magnitude along the main sequence, but it is less reliable at the faint end. To improve the membership information, we used a membership probability (P mem ) based on the position of individual stars in the CMD and their radial distance from the cluster center (see Núñez et al. 2015 for details) . They considered stars with P mem ≥ 0.2 to be candidate cluster members since the effect of field star contamination will not be great on rotation-activity analysis of cluster stars. As shown in the right panel of Figure 1 , many stars with P mem ≥ 0.2 (filled blue squares) are included in the inner dashed box (except for faint red stars). In the following sections, we shall address the effect that field star contamination has on our results later.
The inner dashed box in the left panel of Figure 1 gives the sample selection criteria for the cluster sample. This led to the identification of 2459 stars along the cluster sequence in the i 0 vs. (r − i) 0 CMD. Based on the mean r − i color for a given M dwarf spectral type (see Table 1 in Kowalski et al. 2009 ), each spectral type is indicated by the squares which lie along an extension of the cluster sequence. Among them, only 620 stars have cluster membership probability with P mem ≥ 0.2.
Variability analysis
3.1. Change-point analysis for flare detection (FINDflare)
Flare-like features need to be detected from light curves without a priori knowledge of its shape and underlying brightness variations. Our approach is very simple: we get a series of estimated change-points which correspond to the moments of apparent systematic changes in brightness. The As shown in the residual plots, the observed data are approximated by a piecewise constant model (red dashed lines). The assumed start times of flare occurrence are indicated by the arrow. Interestingly, our algorithm often detects secondary flares which occur during the decay of a much larger flare (V2192 and V1073). The object IDs are taken from our new variable catalog of the M37 (see Chang et al. 2015b) .
procedure is based on the statistics given by the cumulative sum (CUSUM) chart with bootstrap re-sampling, which is briefly described below (see Chang et al. 2015b for details).
We have a set of discrete time-series data points {x 1 , x 2 , · · · , x n }, where n is the time of occurrence of the nth data point. The CUSUM values are given by:
for t = 0, 1, · · · , n, where S 0 = 0 and the meanx. The distribution of CUSUM values often has an inflection point at which the sign of the CUSUM slope changes, indicating that a significant deviations occur at this time. This is used to determine whether a given interval of data should be kept as one (x 1 =x 2 =· · · =x n =x) or subdivided into two subintervals (x 1 =· · · =x p =x p+1 =x n ). To reduce the rate of false positives, we estimated the confidence level (c.l.) based on the bootstrap procedure. Once sudden change has become apparent for a given region (c.l. > 90%), the location of change-point is initially determined as follows:
where p t denotes the last point before the change occurred. The time-series data is split into two segments on each side of the change point, and the analysis is repeated for each segment until no more significant change point is detected. All identified change-points thus define the segments (i.e., piecewise constant level sets), characterized by the start and end time of a given interval with its mean and variance. Lastly, we perform flare detection process for each segment. For the ith measurement of a light curve, a simple selection criteria is given by the expressions:
where the meanx L and deviation σ L are the local statistics for a given segment, w i is the photometric error at epoch i, and ConM is the number of consecutive points which satisfy the equations (3a-3c). The values of N 1,2,3 are taken to be at least larger than 3, 1, and 3, respectively. Figure 2 shows the combined result of the change-point analysis and identification of flare candidates in stars with and without underlying variability. The light curves are well approximated by piecewise constant model with several discrete segments. This model simplifies the task of detecting significant deviations from the mean level (i.e., statistical outlier). Also, our algorithm can identify flare candidates, regardless of intrinsic variability.
Many of flare candidates are short-duration (3 ≤ N 3 ≤ 5) events. Therefore their variability is suspected especially when such events are only partially observed, and found either at the end or beginning of available data. Our algorithm compares the light curves of flare candidates with those of nearby stars to ensure that these events are real.
Removal of periodic variability
Cool spots on the surface of stars are the dominant cause of periodic variability seen in some flare stars (e.g., V706 in Figure 2 ). Since these underlying variations can affect the extraction of flare parameters (see Section 4), we removed quasiperiodic patterns by a least-square harmonic fit to the data. The model function is expressed as follows, which comprises a Fourier series truncated at harmonic h:
wherem 0 is the global mean for a whole range of data, A 2h and A 2h−1 are the amplitudes obtained in each harmonic model, and P is the period of the star. The initial periods are taken from tables in our new catalog of variable stars in the field of M37 (see Chang et al. 2015b) . As a conservative approach, we have re-estimated the rotational period after rejecting outliers > ±3σ, including flare-like features. Then, the best-fit model is de- termined by comparing the difference of the reduced chi-squared values (∆χ 2 ν ) before and after subtracting the harmonic models (h=1-4). A total of 401 stars out of the 2495 cluster sample exhibit clear quasi-sinusoidal variations, which are removed from light curves to ensure proper characterization of flare events.
Rejection of false positives
There is a possibility of false positives. Since the new light curves are derived based on the total flux within a measuring aperture, various contaminations can cause photometric bias. Most of false positives turned out to be related to CCD charge bleed (i.e., blooming), diffraction spikes around the bright stars, moving objects, and seeing-correlated variations due to blends of stars. This kind of false positives can be most accurately verified by visual inspections. Figure 3 shows thumbnail light curves and images of falsely identified events. The abrupt variations in the photometry are evident when artifacts intrude into 
Master frame the measuring aperture of target stars. As shown in the top panels of Figure 4 , flare star V2172 is an interesting case; a real flare and a false-positive event (moving object) are observed at different epochs. The latter one is easily discriminated from real flare with its symmetric light curve. Another exceptional case is a pair of flare candidates (V2233 and V2234), which exhibit a sudden increases in brightness that would be expected in a typical flare. However we note that one of them is caused by the flare of the adjacent star, not its intrinsic magnetic activity (see bottom panels of Figure 4 ). Since these objects are very faint and their position in the master frame is very close (0.79 ′′ ), it is difficult to distinguish in a single frame. Further difference imaging analysis is needed to confirm which star is really responsible for this flare event.
Summary of flare search
After visual inspection of all candidates found in the region of interest, as defined in the Section 2.1, we identified a total of 604 unique flare (r -
Fig. 5.-Color-magnitude and color-color diagrams for all detected flare stars. Since our interest is particularly focused on the flare stars in the pre-defined cluster region (dashed line), the cluster's extinction coefficient is used to deredden gri magnitudes. We adopt A λ /A V values for gri magnitudes that derived by Girardi et al. (2004) . The bluer ((r − i) 0 ≤ 0.43) and redder ((r − i) 0 > 0.43) stars outside the cluster region are marked with orange and blue dots, respectively. The red lines represent the main-sequence stellar locus with solar metallicity (Covey et al. 2007 ).
events from M-type dwarfs. Among these events, 420 flares are from 312 stars in the cluster sample, while 184 flares are from 107 stars in the field sample. As shown in the two CMDs of Figure 5 , most of flare stars lie on the cluster sequence as expected (black pluses). We show for comparison the flare sample of 17 F-K type dwarfs (21 flares) that were already reported in our previous paper (Chang et al. 2015b ) with orange squares in Figure 5 . It shows that stars of all colors cooler than spectral type A can produce serendipitous flares, which are energetic enough to be observed even in the r-band. 
2495 (620) 312 (82) 420 (112) 13313 107 184 419 604
Note.-Extinction-corrected magnitudes are not reliable for the field region samples. For the cluster sample, the values in the parenthesis correspond to the number of stars with membership information (Pmem ≥ 0.2).
a Average r 0 magnitude after extinction correction (see Section 2.1).
b Number of sample stars in each magnitude bin.
c Number of identified flaring stars, some of which flare multiple times during the observation span.
d Number of flare events. Table 2 summarizes the number of flare stars (N f ), the number of flare events (N e ), and the number of sample stars (N s ) for nine consecutive magnitude intervals. For the cluster sample, the values in the parenthesis correspond to the number of stars with membership information (P mem ≥ 0.2). The number of flaring stars is only a small fraction of the total number of objects in the M37 field (< 3%), but it provides sufficient numbers for a statistical comparison of the characteristics. For the cluster sample, the ratio of flare stars to sample stars (N f /N s ) in each magnitude bin is about 10%-16%. This ratio is similar to that observed in stars with P mem ≥ 0.2 (6%-17%). The number of flare stars and their occurrence rate both increase with decreasing luminosity down to magnitude limit of the survey (r ∼ 23). These are likely due to the increasing contrast effect of the white-light flare emission against the cool photosphere (e.g., Walkowicz et al. 2011; Davenport et al. 2012) . Since the detectability of flare events depends on several observational factors, we discuss limitations of our data quality that affect the range of marginally detectable flare events (see Section 5.2 for details).
Because flare stars have finite activity lifetimes and their activity fraction declines with Galactic height (e.g., West et al. 2008 West et al. , 2011 , our field sample is expected to be a part of nearby, young, active K-M dwarfs in a thin disk. Assuming a extinction coefficient given by Schlegel et al. (1998) , we estimated the distance of each star derived from the photometric parallax relations (see Bochanski et al. 2010 for details):
where d is the distance, m r is the apparent magnitude, A r is the extinction in the r-band, and M r (r − i) is the color-absolute magnitude relation 1 . After obtaining the distance, the vertical distance from the Galactic plane, |Z|, can be estimated by converting a spherical coordinate system (l, b, d) to a cylindrical coordinate system (R, Z, φ). The position of the Sun was set at R ⊙ =8.5 kpc and Z ⊙ =15 pc above the mid-plane of the Galactic disk. The results show that most of them are likely to lie within 200 pc from the Galactic plane. In spite of the intrinsic large uncertainty of photometric parallaxes, this supports that our field sample stars are indeed foreground, thin disk population.
Measurement of flare parameters in the light curves
As shown in Figure 6 , the light curves of discovered flare events show diverse morphologies in terms of its shape, size, and duration. Flare variability cannot be described as a one-parameter family of model functions, so we obtain several observational and physical parameters from flare light curves in Section 4.1 and Section 4.2.
Observational flare parameters
We define basic observational parameters of flare events as follows: (i) the magnitude of observed peak (∆m peak ) and its epoch (t peak ), (ii) the timescales of flare evolution both in the prepeak (t q,rise ) and the post-peak (t q,decay ) regimes of flare curve (i.e., the parts before and after the point of maximum), where the subscript q denotes the flux fraction relative to peak level, and (iii) the magnitude difference ∆m base between the first epoch data (t 0,rise ) and the last epoch data (t last ) of flare observations. For the convenience of calculation, we take the epoch of maximum flare light as a reference point.
The concept of observational flare parameters is illustrated for a typical case in Figure 7 . The moment of flare peak is considered as a reference point (t = 0). We initially determined the timescales of flare variability in the range of 0 ≤ q ≤ 1, using single or multiple discrete exponential decay models. The model is expressed as the sum of the exponential functions:
where α k , β k , and λ k are the best-fitting parameters to produce piecewise curve approximation. The fitting is performed with an iterative optimization method based on the LevenbergMarquardt solver 2 . In this way, we grow each 2 http://www.gnu.org/software/gsl/ curve piece by adding data points until the fitting error for that piece exceeds a certain threshold (i.e., χ 2 ν ≫ 1). In the time interval t 0,rise ≤ t ≤ t 0,decay , we measure the timescale parameter t q by analyzing the original flare curve with a linear interpolation method that does not assume a functional form.
The remaining parameters are obtained from the processed light curves. We list the observational parameters of the whole flare samples in Table A1 . Using these parameters, we can easily reproduce template flare light curves of a wide range of morphologies. In some cases, the timescales of total flare duration can not be specified by a single parameter τ 0 (= t 0,rise + t 0,decay ) because observations did not cover the entire phase of flare evolution. This is why we introduce additional τ q parameters (e.g., τ 0.5 , τ 0.2 , τ 0.1 ) to characterize timescales of flares (see Section 5.1).
Physical flare parameters
The physical parameters of each flare were only obtained for the cluster sample. Following Gershberg (1972) and Moffett (1974) , we first calculated the equivalent duration P r . This quantity can be thought of as the time interval over which the quiescent star emits as much energy as was released during the duration of the flare (Walkowicz et al. 2011 ).
where I 0 is the flux of the star in its quiescent state and I 0+f is the flaring flux. In order to simplify the procedure, we regard groups of flares or sub-peaks within a flare as one flare event. The flare energy E r is expressed as the product of the quiescent luminosity of the star L r in r-band and the equivalent duration of the flare:
To estimate the quiescent luminosity for each star in the cluster sample, we adopt the distance of 1490 pc (Hartman et al. 2008) . Since the measured flux density within the passband corresponds to the stellar flux at the effective wave- length of the filter, it can be approximated as:
where d is the distant of the star in pc, f λ is the spectral density of flux in erg cm For the convenience of calculation, the zero-point of the x-axis is shifted to the peak time (t peak ) of light curve, while in the y-axis we set the zero-point to lie at ∆r = 0 after subtracting the mean magnitude of light curve. By using the discrete exponential model (red line), we defined a time-related parameter, t q , which can be either positive (e.g., t 0.5,decay , t 0.2,decay ) or negative (e.g., t 0.5,rise , t 0.2,rise ). In this plot, we also derived the flare amplitude (∆m peak ) and the magnitude difference (∆m base ) between the first and the last data point for a given subset.
is the effective wavelength of the r-filter, and its bandwidth ∆λ. The filter system used for the MMT/Megacam is subtly different from those of the SDSS (Fukugita et al. 1996) . The response function of Megacam r-filter is more extended to the red part of spectrum than that of the SDSS, and thus the integrated spectral flux is somewhat larger (about 0.3%) for our data set. Errors in the estimated quiescent luminosities are dominated by the distance uncertainty (± 120 pc) which causes variation of about 15% (i.e., log L r = ±0.07). For fainter stars log L r < 29.93 erg s −1 , the photometry error becomes dominant.
We also estimated the flare luminosity L r,peak at maximum brightness (erg s −1 ) after subtracting the quiescent stellar r-band flux. The derived physical parameters of flares detected in the cluster sample are listed in Table A2 . Since the observations do not always have a continuous time coverage, only a lower limit to the physical parameters could be given in some cases (∼20% of our full sample). Hence, subsequent estimates should be interpreted with some caution when we statistically quantify the properties of flares, both including or excluding these subsamples with incomplete light curve.
5. Statistical properties of flare timescale, energy, and frequency
Light curve characteristics of flares
In this section, we discuss the temporal and peak characteristics of flares in the whole flare star sample (Table A1) .
Rise and decay timescales
The time evolution of stellar flares is characterized by different timescales, but it is often convenient to treat them as two principal phases: an initial impulsive phase and later gradual phase. This reflects the basic assumption that most stellar flares follow similar consequence of the same elementary physical mechanisms (Benz & Güdel 2010) . The impulsive phase is defined as the quickly varying part of the light curve which shows a fast rise to maximum magnitude followed by a fast decay. The gradual decay phase begins with a turnover from fast to slow decay, as suggested by Hawley & Pettersen (1991) ; Kowalski et al. (2013) . In general, the initial phase of energy release lasts from tens of seconds to tens of minutes, and then returns to its pre-event level on timescales of tens of minutes or hours.
In Figure 8 , we show the time evolution of individual flares on the flare rise t q,rise and decay t q,decay timescales. The rise timescales t 0,rise of flares are distributed between 0.6 and 20 minutes, while the decay timescales are longer than the rise timescales (t 0,decay = 1.6-260.1 minutes); and the total duration τ 0 ranges from 3.5-263 minutes (0.06-4.4 h). For each q value, we used the rise and decay timescales to measure the flare asymmetry, which is defined as the fraction of timescales after and before the flare peak (A f = t q,decay /t q,rise ). We take the values between 0.1 and 100, in which A f = 1 corresponds to a time-symmetric case (t q,decay = t q,rise ). It is shown that the boundary between impulsive and gradual phases occurs at q = 0.5-0.6, where it is shown for the values of A f = 2-3. In practice, Kowalski et al. (2013) used the full width of the light curve at half-maximum (i.e., τ 0.5 ) as the timescale of the impulsive phase of the flare. In their flare samples, the impulsive timescale covers a very broad range with a mean value of <τ 0.5 > = 7.1 ± 6.3 minutes.
In Figure 9 , we compare our rise and decay timescales with two recent work of flare monitoring (Dal & Evren 2010; Hilton 2011) . Their observations provide a large, statistically significant sample of flares of a few active stars. Considering the coarse time resolution of our data, there is a general agreement with flare timescales obtained from previous studies. These characteristic timescales are common for both cluster and field flare stars, indicating that they follow the same physical processes during flares. Our sample tend to have slightly longer rise and decay timescales compared to individual flares from a few stars. Since the flare duration is tightly correlated with the flare energy, our sample tend to be more energetic (see also Figure 16 and Figure 17) . Dal & Evren (2010) found many more short time-scale flares with their much finer time resolution. This result tells us the approximate minimum time-scale for which the present study is sensitive. Kowalski et al. (2013) . We estimated the r-band amplitudes of flares for their sample by applying the same conversion method. The subfigure on the lower-right shows the zoom-in of the low-amplitude flares (∆r < 0.2 mag).
Peak amplitudes
The photometric response of flares depends on spectral type of the star and filters. Using a two-component flare model with quiescent M0-M6 spectral templates, Davenport et al. (2012) predicted the red-optical and NIR response of flares in M dwarfs, and showed that red-optical filters (gri bands) are sensitive to medium and large flares. Following the method described in Davenport et al. (2012) , we estimated the predicted changes in u-band for our r-band flares 3 . By assigning photometric spectral types using colors with the covariance matrix technique presented in Kowalski et al. (2009) , we can transform the ∆r-band to the ∆u-band amplitudes for all flares in the cluster sample.
As shown in Figure 10 , even small flares down to ∆u ∼ 0.4 are completely recovered by our survey. We also note that our survey detects very large flares (∆u > 6 mag). The flares with inferred ∆u > 6 mag are listed in Table 3 and light curves are shown in Figure 11 , arranged in order of decreasing peak amplitude. Such large-amplitude flares have been rarely discovered around the midand late-M dwarfs (e.g., Hawley & Pettersen 1991; Kowalski et al. 2009 Kowalski et al. , 2010 Schmidt et al. 2014) . They do exist in abundance. It tells us that the u-band observation of the flares have the advantage of not requiring high-precision photometry, compared to our r-band observations.
Statistical correlations of flare energy and other key parameters
In this section, we investigate relations between flare energy and other derived parameters for flare stars in the cluster sample (Table A2 ). With an assumption that cluster stars of similar physical quantities (mass, luminosity, and age) should have similar statistical properties of flare activity, we group the flare stars into seven magnitude bins ranging from r 0 = 17 to r 0 = 24. This follows the ergodic hypothesis suggested by Gershberg (2005) , for which the number statistics of flares on n stars of similar brightness over the time T is the same as those of the same star over the time nT . Each group can also be considered as spectral types along the cluster main-sequence, in which decreasing magnitude indicates later spectral type. In a larger sample of stars of similar spectral types, this statistical approach is useful to understand their flaring nature (e.g., Kowalski et al. 2009; Hilton 2011; Walkowicz et al. 2011; Osten et al. 2012; Davenport et al. 2012; Shibayama et al. 2013 ).
Distribution of flare energy E r
It is known that stellar flares radiate energy at all wavelengths like on the Sun. Among these wavelengths, continuum emission emitted by white-light flare is the main contributor to the total radiated energy (Hawley & Pettersen 1991 ). The energy budget based on the r-band light curve is therefore not sufficient to approximate the total flare energy. In Figure 12 , we show the distribution of r-band flare energy (E r ) for the samples with complete information, which ranges from Fig. 11 .-Light curves for the flares with inferred ∆u > 6 mag in the cluster sample, which are arranged in the order of decreasing peak amplitude (dashed lines). The r-band and its inferred u-band amplitudes are also given in the plot.
2.9×10
31 to 2.4×10 34 erg. We also overlay the energy distributions of cluster stars with P mem ≥ 0.2 (red histogram). These two distributions are indeed similar, but it is difficult to compare them directly with r 0 > 21 due to the lack of cluster membership information. We find that the upper limit on the flare energy becomes at least 7 times larger (>1.69×10
35 erg) if we include the subsamples with incomplete light curve. The histograms seem to show a turnover value at E r ∼ 7.6×10 32 erg, indicating that the fall-off in the low energy side is likely due to incompleteness of our sample. It appears to be difficult to directly use these distributions for testing accurate occurrence rates of flares with a typical power-law shape.
We found many flares with energies above 10 33 erg, called superflares, which is about 10-100 times more energetic than the largest known so- 
a Photometric spectral types assigned based on the Table 1 in Kowalski et al. (2013) .
b Periods taken from Chang et al. (2015b) .
c Membership probability based on CMD position and radial distance from the cluster center (Núñez et al. 2015) .
d X-ray counterpart ID number from Núñez et al. (2015) . lar flare. Such flares are rarely reported in previous ground-based observations, but it is now known that there is a large number of late-type (G-M) dwarf stars that show superflares using Kepler data (Maehara et al. 2012; Shibayama et al. 2013; Candelaresi et al. 2014) . Their results suggest that superflares occur more frequently on young and/or K-M type stars, which is a consequence of the age-activity-rotation relation. Thus, superflares with energies above 10 34 erg might well be possible for much younger cluster stars than the M37.
For comparison purpose, we converted all flare energies to the commonly used passband (John-son U filter). There is a simple conversion relation among flare energies measured in different filters (Lacy et al. 1976; Kilyachkov & Shevchenko 1978) .
where E U,B,V are the flare energies in the Johnson U BV passbands and E 8050 is a flare energy in the passband with an effective wavelength of 8050Å (close to the Cousins I c -band). However, our filter does not overlap precisely with wavelengths covered by either V -band or I c -band. To obtain the relation between E U and E R , we used results of the flare energy budget from a multiwavelength observing campaign on the flare star AD Leo (Hawley & Pettersen 1991; Hawley et al. 2003) . For the available sample of 4 flares with well-measured light curves, we derived the conversion relations. These relations are nearly matched to previous measurements in the literatures except for the V -band energy budget. We found that E U ≃ 1.05 ± 0.41E R . However, we caution that flare energy scaling between E U and red passbands may vary due to the presence and strength of a red continuum component in the used flare sample (Kowalski et al. 2013) . Further conversion to MMT/Megacam r band is determined by the ratio of the FWHM of the two filters, E R ∼ 1.38E r , following the approach of Osten et al. (2012) . This relation gives an approximate relation between E U and E r :
where we assume that flares with a wide range of total emitted energy follow the same relation. The effects of 1-σ variation in the scaling factor between E U and E R lead to a range of about ±0.1 in log E U . We plotted the observed ranges of estimated Uband flare energy for three open clusters and Solar neighborhood ( Figure 13) . The flare energy range that can be observed in each study is limited by detection sensitivity. Although M37 is the most distant cluster among the three clusters, our study includes relatively weak flares.
Relation between flare energy and peak amplitude
During the phase of maximum brightness, the flare peak spectra exhibit a steeply rising continuum toward NUV wavelength regime (Balmer continuum: BaC) and its white-light continuum. The shape of this emission resembles that of a hot blackbody emission with a temperature near 10,000 K, regardless of its morphological type, peak luminosity, or total energy (see Section 6 in Kowalski et al. 2013 for details). It is believed to be originated from a compact region on the stellar surface, such as the footprint of magnetic loops on the Sun. Since the Stefan-Boltzmann law for blackbody radiation depends only on the blackbody temperature, the amplitude (or energy rate) of observed flux continuum should be closely correlated with fractional area coverage for flares (Hawley et al. 2003; Kowalski et al. 2010) . Accordingly, the ratio of the projected area of the flaring region to the visible stellar surface is expected to be maximized during the flare peak. The characteristic size of this area is called the fill-ing factor of the blackbody component, X BB , that can be derived from the spectra or often from the white-light continuum using broadband photometry (e.g., Hawley & Fisher 1992; Kowalski et al. 2013) . Figure 14 shows a scatter plot of flare amplitude against its energy of our sample for each magnitude bin. The flare energy is related to the peak amplitude in log scale, E r ∝ ∆m peak . For a given energy value, the later-type stars exhibit relatively larger amplitude variations. The origin of this relation is simply due to the contrast effect as mentioned in previous section. It is interesting that the distribution of subsamples with incomplete light curve (blue squares) does not bias the result. Meanwhile, the distributions of flare amplitude provide bounds on the flare energy that should be detected by our flare-search method. The minimum detectable energy of our survey can be determined by several parameters: apparent magnitude of the star, photometric measurement uncertainty, or light curve RMS value in each segment. Among them, the mean RMS of all light curves (σ LC ) in each magnitude bin is the major limiting factor in the effort of detecting weak flares with less than 10 32 erg.
Since we have no spectral information for the flares from our survey, we used the two-component flare model of Davenport et al. (2012) to estimate the maximum areal coverages of each flare peak. The flare model assumes that the overall shape of flare spectral energy distribution follows a 10,000 K blackbody continuum, and the size of Balmer continuum is set to have 10 times larger surface area coverage than the blackbody component (X BB =0.1X BaC ). Using the flaregrid data, we chose to do the reverse (spline) interpolation between the surface coverage fraction (X BaC ) and the simulated flux enhancement (∆r) in the photometric band. The results of estimated flaring area for the two emission components are shown in Figure 15 , in which we also show for comparison (see the bottom panel) the X BB values obtained from the flare peak spectra (Kowalski et al. 2013) . The filling factors of the blackbody emission are 0.002-0.5% of visible stellar hemisphere at flare peak. The physical sizes of the flaring area are given by the product of the corresponding surface area (i.e., ∆m peak (mag) [23] [24] σ LC = 0.237
Fig.
14.-Scatter plot of flare amplitude (∆m peak ) vs. flare energy (E r ) for each magnitude bin. The gray points and black squares represent the full sample of detected flare events and subsample in each magnitude bin, respectively. We also show the lower limit for the subsamples with incomplete light curve (blue squares). For comparison, the orange squares show stars with membership information (P mem ≥ 0.2). The vertical dashed lines with open square indicate the mean RMS of all light curves (σ LC ) in that magnitude bin.
0.26
4 , 0.20, and 0.15 R/R ⊙ for M0-M6 dwarfs, respectively. The inferred results show that the size of flare area (2 × 10 17 -2.5 × 10 21 cm 2 ) is considerably larger than the value (∼ 5.8 × 10 17 cm 2 ; see Table A1 (Kowalski et al. 2013 ) is indicated by a horizontal bar in the bottom panel.
white-light flares at flare maximum. These characteristics are consistent with previous observations of stellar flares (e.g., van den Oord et al. 1996; Hawley et al. 2003; Kowalski et al. 2010 Kowalski et al. , 2013 .
Relation between flare energy and temporal parameter
We investigate the correlation between flare energy and its temporal parameters, such as duration, rise time, and decay time. The E r -τ 0 relation is limited by the time resolution of our survey. Log E r (ergs) [19] [20] In measuring a flare and its duration, we need at least 2 points (< 3 minutes) to detect a flare by our detection method, but we find that data sets with more measurements are required to obtain its total duration (at least 5 data points; 7 minutes). The cut-off at short time-scales and low energies shown in Figure 16 is likely due to our time resolution. Figure 16 also shows a tight correlation in loglog diagrams of the flare energy and its duration in all magnitude intervals. This trend is very sim- (2010) . The E r -τ 0 relation seen in the Figure 16 is mostly explained by the decay time of flares. Depending on the total energy release by flares, these three groups occupy the different areas on the energy-time plane. There is little overlap between the flares from our work and the M3 through M5 active flares. ilar for the E r -t 0,decay relation (see right panel of Figure 17 ). In order to obtain the relation in a form of y = ax + b, we perform a least-squares regression analysis for log E r versus log τ 0 and log t 0,decay in unit of seconds. log τ 0 = (0.57±0.05) log E r −(15.61±1.57), (12) log t 0,d = (0.66 ± 0.06) log E r − (18.53 ± 1.86), (13) which shows good agreement within the uncertainties. It is an inevitable result of flare time evolution since a large fraction of the flare energy is emitted during the gradual phase. Thus, the range in flare energy can be estimated by these equations with a good level of significance. On the other hand, the correlation is less tight for the rise times than the decay times as reported by the previous studies (e.g., Pettersen 1989; Hilton 2011) . log t 0,r = (0.21±0.07) log E r −(4. 47±2.19) . (14) These general relations are similar, but not identical, to those of the U -band observations (e.g., Leto et al. 1997 ).
Flare occurrence rate
According to the intensive photometric monitoring of a single active star (e.g., Moffett 1974; Ishida et al. 1991) , flares occur rather randomly in time as a Poisson process, and high-energy flares are less frequent. Unfortunately, we have very few samples (≤ 4 recurrences) from each flare star to address statistical properties of individual star (Figure 18 ). Using the same scheme mentioned in Section 5.2, however, we estimate the frequency with which a flare of a particular energy can occur, and then compare these rates with previous works.
Flare number rate
We first estimate the average flare number rate for each magnitude bin:
where N e is the number of flares, N s is the number of observed stars, N f is the number of stars that flare, and τ obs is the total monitoring time (=74.095 h). The derived values are summarized in Table 4 . The mean number rates of flares are 0.018 hr −1 and 0.002 hr −1 for flaring stars and all stars (i.e., flaring+non-flaring stars) in the cluster sample, respectively. It is not much different that of samples with P mem ≥ 0.2 (see values in parentheses in Table 4 ). This kind of statistics has not been possible nor reported previously. The rates are comparable or larger than those values (0.005 and 0.001 h −1 ) found for field M2-M9 dwarfs (Rockenfeller et al. 2006 ), but are much smaller than those of the active M dwarfs (e.g., Lacy et al. 1976; Ishida et al. 1991) . Comparison among different work can be misleading because the flare rate does not take into account the level of flare energy.
Based on the observed flare stars and flare number rate in Table 4 , we can estimate the total number of flare stars in the cluster. We follow the statistical analysis as described in Table 4 Mean flare number rate (N R ) observed in the cluster sample
17-18 148 (81) 17 (10) 25 (15) 11 (7) 4 (1) 2 (2) · · · · · · 0.020 (0.020) 0.0023 (0.0025) [18] [19] 289 (175) 28 (18) 34 (23) 22 ( 295 (141) 32 (16) 53 (24) 18 ( 416 (142) 68 (25) 101 (36) 45 (18) 16 (4) 5 (2) 1 (1) 1 (0) 0.020 (0.019) 0.0033 (0.0034) [21] [22] 569 (80) 88 (13) 113 (14) 69 (12) 15 ( 568 (1) 77 (0) 91 (0) 65 (0) 10 (0) 
2495 (620) 312 (82) 420 (112) 231 (60) 61 (16) 14 (4) 5 ( Ambartsumian & Mirzoian (1975) . The number of stars on which k flares occurred over the time t are derived under the following two assumptions: (i) the statistical occurrence frequency distributions of flares follow a Poisson distribution, and (ii) the mean rates of flare occurrence are the same for all stars in the cluster. This is defined as following equation (Case I):
where N (= ∞ k=0 n k ) is the estimated total number of flare stars in the cluster and ν is the mean flare rate of them. Using this simple estimation, the number of flare stars n 0 on which no flares occurred over the time t can be calculated directly without any assumptions.
However, there is no reason to suppose that the mean rate of flares should be the same for all flare stars. When mean flare rates are different in each magnitude bin, the equation is replaced by the sum of Poisson distributions (Case II):
where i is the number of groups with different mean rates of flares. In this case, the value of n 0 can be expressed as below.
For these two cases, we calculate the number of flare stars n k in which k flares may have been observed, and then estimate the total number of flare stars N . We obtained the two parameters n 0 , N for both case I (n 0 = 442±21, N = 749±27) and case II (n 0 = 510±22, N = 817±29), respectively. 18), respectively. The only difference between the two models is the assumption of occurrence rate of flares. The gray shaded region indicates that for the non-detectable flares (n k < 1).
For comparison purposes, we also include results for samples with P mem ≥ 0.2 that have values for case I (n 0 = 114 ± 11, N = 194 ± 14) and case II (n 0 = 166 ± 13, N = 246 ± 16), respectively. Figure 19 shows the observed and estimated number of stars as a function of flare occurrences. The observed distribution seems to follow a Poisson-like behavior, but both cases do not represent the values of n k where k > 3. Ambartsumyan et al. (1970) suggested that a small group of stars with high flare rates could explain the discrepancy between observed flare stars and those predicted by Equation 18. We agree with this suggestion because individual flare stars may have time-dependent flare rate caused by activity cycle or variations in active regions, as on the Sun (e.g., Lacy et al. 1976; Hilton et al. 2010; Hilton 2011 ).
Flare frequency distribution
We use a cumulative energy distribution of flare frequency (also known as flare frequency distribution; FFD). This method is the most widely used to estimate the frequency with which a flare of a particular energy is seen (e.g., Lacy et al. 1976; Gershberg & Shakhovskaia 1983; Ishida et al. 1991; Hilton 2011) . The cumulative frequency ν(E) at energy E is defined as the number of flares with energy greater than E per unit time (normalized by the number of real flare stars N ⋆ ), where ν(E) = N cum (> E)/τ obs · N ⋆ . If the differential frequency distribution obeys a powerlaw relation with slope α and a cutoff energy at E max , i.e., dN/dE ∝ E −α , the cumulative frequency distribution can be estimated by a linear fit with a slope of α − 1(= β):
where c is a constant. The uncertainties in the slope estimates are taken to be β/ (N ⋆ ). Since there is no way to estimate the contamination of field flare stars in the cluster sample, we set the lower (c lower ; N ⋆ ≃ N s ) and upper (c upper ; N ⋆ ≃ N f ) limits for the cumulative flare frequency. For the cluster flare stars, the real flare frequency will similar to or less than the latter limit. We consider the completeness of our sample when estimating the power-law index for flare frequency. As shown in the Figure 12 , observed distribution of flare energies exhibits a turn-over near log E r = 32.9. It is certain that we do not miss the flares with energies above this completeness limit. The slopes are obtained from a least-squares linear regression to the flares with this cut-off energy (Table 5) . However, the low-energy flares below this cut-off are not small enough to be missed observationally (see Figure 14 and Figure 16 ). This issue will be addressed in a separate work where we use a thorough Monte Carlo simulations to examine observational incompleteness and also to seek possible real break in the FFD of flare energies.
In the top panels of Figure 20 , we show the bestfit power-law slopes of the FFDs for each magnitude bin with different colors. The upper limits of flare rate are plotted against the flare energy for all cluster sample (left panels) and samples with P mem ≥ 0.2 (right panels), respectively. Our FFDs follow the straight-line power-law form only for the higher energies, but these resemble a lognormal-like distribution. The low-energy turnover seen at all magnitude bin, while at the high-energy end we can see a gradual change in the shape of the FFDs due to finite total observing time. Our cluster sample shows that the power-law slopes of FFDs range between −0.62 and −1.21 for the adopted energy range. For stars with P mem ≥ 0.2, these values are similar within the uncertainties but somewhat smaller than the former case. The slopes are slightly steeper for faint stars (β ∼ 1.0) compared to bright ones (β < 1.0). However, we caution that the latter groups may have suffered from the relatively small sample size. For comparison purposes, we also show the individual FFDs with no shift (bottom panels of Figure 20 ). The average shape of FFDs is very similar within the uncertainties, showing that the frequency of flares decreases as a function of increasing flare energy. Strong flares are observed ∼10-100 times less frequently than weak flares. As expected, the strong flares on the brighter stars are more frequent than fainter ones. Figure 21 shows a comparison between the FFDs in this work and those by other statistical studies, particularly for open clusters and field stars in the solar neighborhood. The first comparison data set is a sample of nearby young clusters known to contain sizable flare stars: Pleiades and Orion. Each power-law slopes for stars of similar brightness was taken from the figure of Gershberg & Shakhovskaia (1983) . The second comparison sample is taken from the Hilton (2011) in which we only used the FFDs for active, mid-M dwarfs (M3-M5) and active, late-M dwarfs (M6-M8). The gradient of FFD is a critical factor in understanding the energy dependence of the flare frequency. The FFDs of these samples are approximately a power law ν(E) ∼ E −β with β ∼ 0.5-1.2, and their power-law slopes cover a large range of flare energies from E U =10
28 to E U =10 36 erg. Our results follow a general picture of FFD in the same energy range with β ∼ 0.6-1.2 for all stars (black-shaded areas) and β ∼ 0.5-1.0 for stars with P mem ≥ 0.2 (red-shaded areas).
Summary
We present the statistical properties of flare variability as a direct evidence for stellar activity in low-mass stars. Our study is a rare attempt to estimate flare rates and physical properties among many stars of the same age and mass group, and the main results are as follows:
We monitored light variations of nearly 15,800 red dwarfs in the M37 cluster field, and then successfully identified 420 flare events from 312 cluster sample and 184 flare events from 107 field sample, respectively. Among the cluster sample, only 82 stars have cluster membership probability with P mem ≥ 0.2. Most of flare stars fall close to the sequence of the cluster as expected, while the remaining stars lie within about 200 pc from the Galactic plane (i.e., young, active K-M dwarfs in the thin disk). These red dwarfs produce serendipitous flares which are energetic enough to be observed even in the r-band. The temporal and morphological characteristics of flare light curves are almost the same as those found in U -band observations. For the cluster sample, we also found many large-amplitude flares with inferred ∆u > 6 mag. These rare events are of considerable interest due to the influence of their powerful radiation on space weather and planetary habitability.
We find that statistically significant correlations exist between the flare energies and other key parameters. Flare energy is tightly correlated with flare duration and peak luminosity (i.e., fractional area coverage) in log-log space, regardless of stel- (2011) and Gershberg & Shakhovskaia (1983) for flare stars in the Solar vicinity and in the Orion and Pleiades clusters, respectively. In the case of mid-M type flare stars, one more line is added to represent the typical FFD for these spectral types (excluding the stars with exceptionally high flare rates such as AD Leo, YZ CMi, EV Lac, and EQ Peg). The two clusters contain a sample of late K-and early M-dwarfs and early to mid M-dwarfs, respectively. The slopes of their FFDs cover a large range of flare energies from E U =10
28 to E U =10 36 erg. Our results are indicated by the shaded region which are determined by the lower and upper limits of individual FFD values, except for the first row in Table 5 . We find a good agreement with the overall trend.
between the young open clusters and nearby field stars. Note.- Table A1 is published in its entirety in the electronic edition of Astrophysical Journal. A portion is shown here for guidance regarding its form and content. The identification number (VarID) is a number uniquely identifying each flare star (notations are taken from PaperII). For each star, the identification number (FlareID) of each flare event is listed in time order. Note.- Table A2 is published in its entirety in the electronic edition of Astrophysical Journal. A portion is shown here for guidance regarding its form and content.
a Cluster membership probabilities are taken from Núñez et al. (2015) .
